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A	new	realization:	the	solar	magnetic	field	is	“slinky”	and	
funnel	the	heliosheath	flows	
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The Solar Magnetic field is not passive but instead (tension force) 
collimates  the heliosheath flow in two jets

Deep blue: Heliosheath density Old View: solar magnetic field being 
stretched back (yellow)



Resistance	of	the	solar	magnetic	field	to	being	
stretched	

The	tension	on	a	field	line	with	a	radius	of	curvature	R is																																																								
so																								

The	force	stretching	the	magnetic	field	due	to	the	flows	is

so	the	ratio	between	the	two	forces	is	
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Ftension = B ⋅∇B / 4π ≈ B2 / 8π( ) 2 / R( ) Ftension ≈ 2PB / R

Fstreatching ≈ ρ v ⋅∇v / 2 ≈ ρv
2κV 2 ≈ ρv

2 2R ≈ Pram R

Fstreatching Ftension ≈ Pram 2PB



Resistance	of	the	solar	magnetic	field	to	being	
stretched	

The	ratio	between	the	two	forces	is	
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Taking	nominal	values	u	=	50km/s;	ρ ~	0.001#/cm3

FB > FstreatchFor	B	>	0.04nT	=	0.4μG



Analytic model

Drake	et	al.	ApJL 2015

Analytic solution

The gradient in the total pressure across the 
heliosheath is set by the 

MHD solution

8πΔP
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ratio of alfven speed to the flow speed at 
the termination shock Vs

This gradient is what drives the flows in the jet
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The	largest	turbulent	structures	in	the	heliosphere	
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be changed. However, in this case, the modified (due to the
proposed modification of the V¥ direction by about 5°
azimuthally) HDP is at about 30° to the HDP derived from
SOHO SWAN observations. This troubling discrepancy has
been reconciled by McComas et al. (2015), who showed that
the error bars on the IBEX measurements allow the preserving
of the V¥ direction from Ulysses measurements while
increasing the LISM temperature from 6250 K to ∼8000 K.
In this case, the BV-plane again can be considered to be nearly
parallel to the HDP.

Heerikhuisen & Pogorelov (2011), Heerikhuisen et al.
(2014), and Zirnstein et al. (2015) have demonstrated that the
shape of the ribbon depends on the angle between V¥ and B ,¥
and on the magnitude of B .¥ This dependence is not as strong
as that on the BV-plane angle to the HDP plane. The correlation
between the directions toward the ribbon and the lines of sight
perpendicular to the ISMF draped around the HP is clearly seen
both in MHD-kinetic (Pogorelov et al. 2008, 2009b; Heer-
ikhuisen et al. 2010) and fluid-neutral simulations (Ratkiewicz
et al. 2012; Grygorczuk et al. 2014). Funsten et al. (2013) show
that the IBEX ribbon is rather circular, although this is not a
great circle on the celestial sphere, and the direction of B¥ is
almost toward the ribbon center. In simulations, the deviation is
different for different ISMF strengths and directions, but
depends very little on particle energy. Additionally, it is clear
that the B R 0· = surface, where the ribbon ENAs are born in
the model, approaches the plane B R 0· =¥ , with the increase
of B ,¥ i.e., for stronger ISMF, the ribbon approaches the great
circle (Pogorelov et al. 2011). Since in reality the ribbon half-
angle is about 74° (Funsten et al. 2013), magnetic fields greater
than 3 Gm should possibly be excluded. Zank et al. (2013)
arrive at the same conclusion by analyzing the Lyα absorption
in directions to nearby stars.

Voyager 1 crossed the HP in 2012 and started measuring the
ISMF strength in the draped region (Burlaga et al. 2013).
Although these are one-point-per-time measurements, they also
provide restrictions on the direction and strength of B .¥ For
example, the numerical simulations of Pogorelov et al. (2009b)
provided B R 0· = directions that were consistent with the
IBEX ribbon (McComas et al. 2009; Frisch et al. 2010). The
same choice of the LISM properties also reproduced the
elevation and azimuthal angles in the ISMF beyond the HP (see
Pogorelov et al. 2013a; Borovikov & Pogorelov 2014). On the
other hand, the HP instability simulation of Borovikov &
Pogorelov (2014), which used the LISM properties from
Bzowski et al. (2012), overestimated the elevation angle.

Additionally, restrictions on the LISM properties can be
derived (Desiati & Lazarian 2013; Schwadron et al. 2014;
Zhang et al. 2014) by fitting the anisotropy of 1–10 TeV
cosmic rays observed in air shower observations by the Tibet,
Milagro, Super-Kamiokande, IceCube/EAS-Top, and ARGO-
YGB teams (see the references in Zhang et al. 2014).
According to Zhang et al. (2014), modifications to the
unperturbed ISMF produced by the presence of the HP affect
TeV cosmic rays in a way that is consistent with observations,
but require large computational regions, especially for higher
energies. Additionally, Lazarian & Desiati (2010) point out that
ion acceleration due to reconnection in the heliotail may affect
observed anisotropies.

For the reasons described above, heliotail simulations are
very important, especially because there is no way to view the
heliotail’s structure from outside. On the other hand, jets and

collimated outflows are ubiquitous in astrophysics, appearing
in environments as different as young stellar objects, accreting
and isolated neutron stars, stellar mass black holes, and
supermassive black holes at the centers of active galactic

Figure 1. MHD-plasma/kinetic-neutrals simulation of the SW–LISM interac-
tion with the boundary conditions from Zank et al. (2013). (Top panel) Plasma
density distribution in the solar equatorial plane. The black lines outline the fast
magnetosonic transition, i.e., the plasma flow is subfast magnetosonic between
these lines. (Middle panel) The shape of the heliopause for two different ISMF
strengths is shown (yellow and blue for B 3 Gm=¥ and 4 μG, respectively).
(Bottom panel) HMF line behavior initially exhibits a Parker spiral, but further
tailward it becomes unstable. Also shown are ISMF lines draping around the
heliopause. The distribution of the plasma density is shown in the semi-
transparent equatorial plane.
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The	turbulent	jets
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Turbulence in the jets likely to be 
the non-relativistic analogue of that 
in other astrophysical jets such as 
Blazar jets 

(a1) (c1)(b1)

(a2) (b2) (c2)
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2.52.01.00.5 1.50.0

Ez [B0]
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Previous	3D	models:	Single-Ion	Approximation
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be changed. However, in this case, the modified (due to the
proposed modification of the V¥ direction by about 5°
azimuthally) HDP is at about 30° to the HDP derived from
SOHO SWAN observations. This troubling discrepancy has
been reconciled by McComas et al. (2015), who showed that
the error bars on the IBEX measurements allow the preserving
of the V¥ direction from Ulysses measurements while
increasing the LISM temperature from 6250 K to ∼8000 K.
In this case, the BV-plane again can be considered to be nearly
parallel to the HDP.

Heerikhuisen & Pogorelov (2011), Heerikhuisen et al.
(2014), and Zirnstein et al. (2015) have demonstrated that the
shape of the ribbon depends on the angle between V¥ and B ,¥
and on the magnitude of B .¥ This dependence is not as strong
as that on the BV-plane angle to the HDP plane. The correlation
between the directions toward the ribbon and the lines of sight
perpendicular to the ISMF draped around the HP is clearly seen
both in MHD-kinetic (Pogorelov et al. 2008, 2009b; Heer-
ikhuisen et al. 2010) and fluid-neutral simulations (Ratkiewicz
et al. 2012; Grygorczuk et al. 2014). Funsten et al. (2013) show
that the IBEX ribbon is rather circular, although this is not a
great circle on the celestial sphere, and the direction of B¥ is
almost toward the ribbon center. In simulations, the deviation is
different for different ISMF strengths and directions, but
depends very little on particle energy. Additionally, it is clear
that the B R 0· = surface, where the ribbon ENAs are born in
the model, approaches the plane B R 0· =¥ , with the increase
of B ,¥ i.e., for stronger ISMF, the ribbon approaches the great
circle (Pogorelov et al. 2011). Since in reality the ribbon half-
angle is about 74° (Funsten et al. 2013), magnetic fields greater
than 3 Gm should possibly be excluded. Zank et al. (2013)
arrive at the same conclusion by analyzing the Lyα absorption
in directions to nearby stars.

Voyager 1 crossed the HP in 2012 and started measuring the
ISMF strength in the draped region (Burlaga et al. 2013).
Although these are one-point-per-time measurements, they also
provide restrictions on the direction and strength of B .¥ For
example, the numerical simulations of Pogorelov et al. (2009b)
provided B R 0· = directions that were consistent with the
IBEX ribbon (McComas et al. 2009; Frisch et al. 2010). The
same choice of the LISM properties also reproduced the
elevation and azimuthal angles in the ISMF beyond the HP (see
Pogorelov et al. 2013a; Borovikov & Pogorelov 2014). On the
other hand, the HP instability simulation of Borovikov &
Pogorelov (2014), which used the LISM properties from
Bzowski et al. (2012), overestimated the elevation angle.

Additionally, restrictions on the LISM properties can be
derived (Desiati & Lazarian 2013; Schwadron et al. 2014;
Zhang et al. 2014) by fitting the anisotropy of 1–10 TeV
cosmic rays observed in air shower observations by the Tibet,
Milagro, Super-Kamiokande, IceCube/EAS-Top, and ARGO-
YGB teams (see the references in Zhang et al. 2014).
According to Zhang et al. (2014), modifications to the
unperturbed ISMF produced by the presence of the HP affect
TeV cosmic rays in a way that is consistent with observations,
but require large computational regions, especially for higher
energies. Additionally, Lazarian & Desiati (2010) point out that
ion acceleration due to reconnection in the heliotail may affect
observed anisotropies.

For the reasons described above, heliotail simulations are
very important, especially because there is no way to view the
heliotail’s structure from outside. On the other hand, jets and

collimated outflows are ubiquitous in astrophysics, appearing
in environments as different as young stellar objects, accreting
and isolated neutron stars, stellar mass black holes, and
supermassive black holes at the centers of active galactic

Figure 1. MHD-plasma/kinetic-neutrals simulation of the SW–LISM interac-
tion with the boundary conditions from Zank et al. (2013). (Top panel) Plasma
density distribution in the solar equatorial plane. The black lines outline the fast
magnetosonic transition, i.e., the plasma flow is subfast magnetosonic between
these lines. (Middle panel) The shape of the heliopause for two different ISMF
strengths is shown (yellow and blue for B 3 Gm=¥ and 4 μG, respectively).
(Bottom panel) HMF line behavior initially exhibits a Parker spiral, but further
tailward it becomes unstable. Also shown are ISMF lines draping around the
heliopause. The distribution of the plasma density is shown in the semi-
transparent equatorial plane.
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crosswind (i.e., in the direction of positive X) the HP is about
100 AU further in Model 1 than in Model 2.

This effect could be explained by a plasma depletion layer
around the heliopause. The effect of plasma depletion in the
vicinity of contact discontinuities is known for the magneto-
spheres (e.g., Zwan & Wolf 1976 ). The effect is connected with
an increase in the perpendicular component of the magnetic
field when plasma approaches the contact boundary (Cranfill–
Axford effect for the heliosphere). The gradient of the magnetic
field forces plasma to decelerate and flow around of the
magnetic “wall” obstacle. This effect can clearly be seen in
Figure 4 where the 1D distributions of the plasma and magnetic
field parameters are shown for the upwind direction. All three
components of the HMF increase toward the heliopause (plots
(I), (J), and (K) in Figure 4). The plasma velocity components
(plots (E), (F), and (G)) and density (plot (A)) decrease from
the middle of the inner heliosheath to the heliopause. In the

same region, both the Alfvenic number and plasma beta
become less than 1, i.e., the flow is determined by the magnetic
field. The effect of SW plasma density depletion around the
heliopause can clearly be seen from the comparison of plasma
density isolines in Models 1 and 2 (compare panels (A) and (B)
in Figure 3).
Magnetic field pressure replaces the plasma pressure in such

a way that the total pressure is conserved (plot (B) in Figure 4).
This conclusion is valid for quite a wide region around the
heliopause. However, because less plasma flows along the
heliopause from the stagnation region to the flanks, some
deficit of pressure appears at the flanks and the heliopause there
moves toward the Sun. This explains why the heliopause in
Model 2 has a slightly different (from Model 1) shape and is
closer to the Sun in the crosswind and tail.
It is interesting to note that a sharp and strong jump of

density at the heliopause exists in Model 2. This somewhat

Figure 3. Panels (A) and (B): plasma streamlines and isolines of the plasma density normalized to the proton density in LISM. Panels (C) and (D): magnetic field lines
and isolines of the magnetic field magnitude in dimensionless units. Left panels ((A) and (C)) correspond to Model 1 without HMF, right panels ((B) and (D))
correspond to Model 2 with HMF. All of the panels are made in the ZX plane determined by the interstellar velocity and magnetic field vectors.
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Followed	the	pick-up	ions	and	the	thermal	cold	solar	wind	plasma	
using	a	single-ion fluid	approximation



Previous	Models	that	included	PUIs	
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Isenberg,	JGR	1986	(1-D)

696 Y. G. Malama et al.: Multi-component nature of the heliospheric interface

Fig. 1. The termination shock, heliopause and bow shock shown for
three models of the heliospheric interface: 1) new multi-component
model; 2) Baranov & Malama model; 3) Baranov & Malama model
with no electron impact.

used the method of global iterations suggested by Baranov et al.
(1991).

3. Results of numerical modeling

Figures 1−6 present the main results obtained in the frame of
our new multi-component model described in the previous sec-
tion. The shapes and locations of the termination shock (TS),
heliopause (HP) and bow shock (BS) are shown in Fig. 1. For
the purposes of comparison the positions of the TS, HP, and BS
are also shown in the case when pickup and solar wind protons
are treated as a single fluid. Later we refer to this model as the
Baranov-Malama (B&M) model. Two different cases obtained
with the B&M model are shown. In the first case ionization by
electron impact is taken into account, while this effect is omit-
ted in the second case. The only (but essential) difference be-
tween the B&M model and our new model, considered in this
paper, is that the latter model treats pickup protons as a sepa-
rate kinetic component. As seen from Fig. 1 the differences in
the locations of the TS, HP, and BS predicted by the new and
B&M models are not very large in the upwind direction. The
TS is 5 AU further away from the Sun in the new model com-
pared to B&M models. The HP is 12 AU closer. The effect is
much more pronounced in the downwind direction where the
TS shifts outward from the Sun by ∼70 AU in the new model.
Therefore, the inner heliosheath region is thinner in the new
model compared to the B&M model. This effect is partially
connected with lower temperature of electrons and, therefore,
with a smaller electron impact ionization rate in this region.
Indeed, new pickup protons created by electron impact deposit
additional energy and, therefore, pressure in the region of their
origin, i.e. in the inner heliosheath. The additional pressure
pushes the heliopause outward and the TS toward the Sun.
Even though our multi-component model takes into account

Fig. 2. The source term S (Eq. (4)) from different populations of
H atoms as a function of energy shown in the supersonic solar wind
at 5 AU (A) and in the inner heliosheath (B).

ionization by electron impact, this is not as efficient as in one-
fluid models (like B&M) due to the lower electron tempera-
ture in the heliosheath. Excessively high electron temperatures
which are predicted by the one-fluid models in the outer helio-
sphere are connected with the physically unjustified assump-
tion of the immediate assimilation of pickup protons into the
solar wind plasma.

However, the HP is closer to the Sun and the TS is fur-
ther from the Sun in the new multi-component model even in
the case when electron impact ionization is not taken into ac-
count. This is because the solar wind protons and pickup pro-
tons are treated in the new multi-component model as two sep-
arate components. Indeed, hot energetic atoms (ENAs), which
are produced in the heliosheath by charge exchange of inter-
stellar H atoms with both the solar wind protons and pickup
protons heated by the TS, escape from the inner heliosheath
easily due to their large mean free paths. These ENAs remove
(thermal) energy from the plasma of the inner heliosheath and
transfer the energy to other regions of the interface (e.g., into
the outer heliosheath). In the case of the new model there are
two parenting proton components for the ENAs – the origi-
nal solar protons and pickup protons. In the B&M model these

Malama et	al.	2006	(2-D)

Recent	models	:	3-D	MHD	- Pogorelov	et	al.	2016	;	Usmanov et	al.	2016		-
Treating	the	PUIs	and	solar	wind	as	co-moving;	and	low	resolution	of	of	the	heliospheric	tail,	
simplified	treatment	of	nH (Usmanov et	al.	2016).

9968 ISENBERG: INTERSTELLAR H IN SOLAR WIND' THREE-FLUID MODEL 
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Fig. 1. Steady state proton densities as functions of heliocentric 
radius for three values of the interstellar hydrogen density: (a) N O = 
0.03 cm -3, (b) N O = 0.1 cm -3, (c) N O = 0.3 cm -3. The lower curves 
are the interstellar pickup densities, and the upper curves (largely 
overlapping) are the solar wind densities. Where the ns curves sepa- 
rate at large r, the case c curve is above the others. 

In Figures 1-3, we show the results of this calculation for 
three values of the interstellar hydrogen density' (a) No = 0.03 
cm -3, (b) N O = 0.1 cm -3, and (c) No = 0.3 cm -3. Figure 1 
shows the proton densities as functions of radius, Figure 2 
shows the solar wind speeds, and Figure 3 shows the corre- 
sponding temperatures for the two proton populations. 

The model results are easily interpreted. The pickup of in- 
terstellar protons slows the solar wind as expected, with the 
higher interstellar neutral densities producing slower flows. In 
the one-fluid models, where the interstellar protons are as- 
sumed to be assimilated, this energy of bulk motion appears 
as thermal energy of the fluid and the solar wind is heated. In 
contrast, this three-fluid model puts this energy entirely into 
the picked up protons, maintaining them at high temper- 
atures. The solar wind protons respond only to the adiabatic 
expansion modified by charge exchange losses. 

The density of interstellar protons displays a broad maxi- 
mum as discussed by Vasyliunas and $iscoe [1976], although 
our choice of parameters places the maximum closer to the 
sun than in their work. The interstellar protons are also com- 
pressed by the decelerating solar wind (not treated by Vasy- 
liunas and Siscoe) as can be seen particularly in the flattening 
of the nt curve at large radii when No = 0.3 cm-3. The inter- 
stellar proton temperature also responds to the energy input 
of continual ionization. When the solar wind slows down, the 
adiabatic effects are more than offset by the smaller energy 
input and the charge exchange losses, resulting in slightly 
cooler temperatures for the No = 0.3 cm-3 case. 

The remaining model parameters, electron temperature and 
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Fig. 2. Steady state solar wind speeds as functions of heliocentric 
radius for the three cases in Figure 1. 
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Fig. 3. Steady state proton temperatures as functions of heliocen- 
tric radius for the three cases in Figure 1. The upper curves are the 
interstellar pickup temperatures and the lower curves are the solar 
wind temperatures. 

azimuthal magnetic field, behave in a straightforward manner, 
deviating from power-laws in radius only when the decreasing 
solar wind speed produces relative compression and heating. 

Variation of the model parameters produces predictable re- 
sults on the interstellar proton distribution. Changing a or un 
moves the position of the density maximum. Increasing the 
input solar wind speed increases the interstellar proton tem- 
perature because the neutral hydrogen is moving faster in the 
solar wind frame. Increasing the solar wind proton density 
produces more charge-exchange interactions and a higher nt. 
Changing other parameters, such as T•, B, Tn or s, has little 
effect on the results. 

We are now in a position to ask what modifications a solar 
wind stream structure would produce in this model. The fact 
that higher solar wind density produces higher interstellar 
proton density suggests that the compressed solar wind inside 
a corotating interaction region would be more likely to pro- 
duce observable quantities of interstellar protons. This is dis- 
cussed in the next section. 

4. TIME-DEPENDENT MODEL 

In order to generate stream structure in a solar wind model, 
we must extend our calculation to include time dependence. 
We retain the one-dimensional, spherically symmetric 
character of the steady state model. The equations are then 
obtained from (1)-(7) by adding the partial derivatives with 
respect to time of ns, n•, hey, (3/2)Ps, (3/2)P•, Pe/(7 - 1), and B, 
respectively, to the left-hand side of these equations. The ex- 
pressions for the ionizing interactions (8)-(10) remain the 
same, allowing for the time dependence of the parameters in- 
volved. 

We also treat the neutral hydrogen density as a time- 
dependent variable, satisfying the equation 

•nn •nn T) Ot + un •rr = -(qv + qc (13) 
when radiation pressure balances gravity in the motion of 
these particles. We find, however, that the results show no 
discernable deviation from the exponential form (11). In the 
appendix, we show that the small value of un/v allows the 
neutral hydrogen to respond to the average ionization param- 
eters without being greatly affected by the variations. 

In	order	to	be	consistent	with	the	weak	shock	observed	by	V2,	
it	is	crucial	to	heat	up	the	PUIs	to	high	temperatures	upstream	the	shock
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Two	ionized	fluids	(thermal	and	PUIs)	interacting	with	4-neutral	fluids	
Opher	et	al.	2018;	
eprint arXiv:1808.06611
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The	neutral	component
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MHD	simulation:	no	kinetic	effects	- Giacalone and	Decker	[2010],	2-D	hybrid	code	using	
core	pickup	protons	(25%	of	the	total	ion	density)	and	a	supra-thermal	power	law	tail
with	form	v^-5,	reproduce	the	lower	energy	Voyager	2	Low-Energy	Charged	Particle	Experiment	
(LECP)	data.



Regarding	the	Perpendicular	Speeds	of	PUIs	and	Solar	Wind

For	example,	large	gradients	of	PUI	pressure	can	make	the	perpendicular	speeds	of	the	PUIs	
different	than	the	solar	wind	ions.	The	term	responsible	for	that,	in	the	momentum	equation	
Eq.	4	is	𝛻𝑝345.	Comparing	that	term	with	𝑢×𝐵 the	ratio	is

		 KL012
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~ QRSTUTV
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_>
																																																																								(1)
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a O
is	the	Larmor radius	for	the	PUI;	𝐿L the	length	of	the	gradient	of	

pressure.	𝑣dHe=ef	 and	𝑣%g(345)are,	respectively	the	diamagnetic	and	thermal	speeds	of	the	
PUIs,	
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Regarding	the	Perpendicular	Speeds	of	PUIs	and	Solar	Wind
The	ratio	in	Eq.	(1),		

Q[\(012)
4WXYZ

	~	7	from	mid	heliosheath	to	~	30	near	the	heliopause.	

The	Larmor radii	𝑟_~2𝑥10no	𝐴𝑈	while	the	PUI	pressure	drops	length	in	the	heliosheath	is	
𝐿L~	25𝐴𝑈.	So	

KL012
MN7×O

~	6𝑥10nz	and	the	perpendicular	speeds	for	the	PUIs	and	solar	wind	
ions	should	be	the	same.	

At	the	Termination	Shock,	as	shows	in	Zieger	et	al.	2015, 𝐿L is	small	(<𝑟_)	there	should	be	a	
difference	in	the	perpendicular	speeds	in	PUI	and	solar	wind.	
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Along	the	magnetic	field,	the	PUI	and	solar	wind	fluids	are	decoupled	and	
can	attain	significantly	different	ion	velocities.	In	reality,	two-stream	
instabilities	physically	restrict	the	relative	ion	velocities	parallel	to	the	
magnetic	field.	This	two-stream	instability	is	a	kinetic	phenomenon	that	
cannot	be	represented	in	multi-ion	MHD,	therefore	(Glocer et	al.	2009)	used	
a	nonlinear	artificial	friction	source	term	in	the	momentum	equation	to	limit	
the	relative	velocities	to	realistic	values,	

𝑆D
{]H|%H}M = "012

~�
𝑢345 − 𝑢+,

7012n7#$
7�

��

where	𝜏| is	the	relaxation	time	scale,	𝑢| is	the	cutoff	velocity,	and	𝛼| is	the	
cutoff	exponent.	
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Regarding	the	Parallel	Speeds	of	PUIs	and	Solar	Wind
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3. Radial Trends in Pickup Hydrogen Parameters

Over the 6-year interval where New Horizons transited from
∼22 out to ∼38 au, we analyzed 1156 roughly 1-day spectra.
Each of the spectra was fit through the forward modeling and
chi-squared minimization process described in Section 2, which
included varying initial parameters to search a broad parameter
space and ensure that the fitting process found the best fit
globally. Then we removed spectra where the solar wind speed
varied over the day by >1% (∼13% of the samples). As a final
quality control, each of the remaining spectra were visually
compared with their V&S fit curve, and spectra where fitting
somehow failed (∼2%) were manually removed. A few of
these instances were inexplicable, while others indicated
physical processes where the pickup ion spectra were simply
unlike the V&S model shape; these and other interesting
spectra are discussed in Section 5. The quantitative results for
the remaining ∼85% of the full collection of spectra are
examined here.

Figure 7 shows plots of the solar wind and pickup H+

parameters (density, temperature, and pressure) versus

heliocentric distance. The solar wind values are calculated
from the moments provided by Elliott et al. (2016) out to 33 au
and were extended using the same technique thereafter. The
pickup ion parameters come from the fitting procedure
developed in this study. A power law function was fit for each
parameter and population, and the resulting fits are shown in
Figure 7 as orange and green curves, for the solar wind and
PUIs, respectively. We also binned the data into sidereal
rotation periods (only plotted if there are at least 10 samples in
that period) and provide the mean and +/− 1 sigma ranges
(black/red points). Finally, as a cross-check, these binned data
were also fit with a power law function, and for the pickup ion
H+ pressure we calculated a radial γ of 0.22+/−0.26,
consistent with the value of 0.10 from fitting the individual
data points.
We use power law fits to all non-culled data points before

averaging and extrapolate each of these functions to the
termination shock, assumed to be at ∼90 au near the upwind
direction, as Voyager1 crossed the termination shock at 94 au
(Stone et al. 2005) and Voyager2 at 84 au (Stone et al. 2008).
Table 1 provides values from the fits in the middle of the range
of the SWAP observations (30 au), the radial dependecies, and
extrapolated values out at 90 au. Ratios of the various values
are indicated along the right-hand column and bottom two
rows. To test the extrapolations, we compare SWAP observa-
tions with a transport model of nearly incompressible
turbulence in the supersonic solar wind that includes effects
of pickup ion source turbulence in heating the core solar wind
protons (Adhikari et al. 2017). The model yields a temperature
of ∼7700 K for the core solar wind at 30 au, which is consistent
with SWAP’s observed solar wind temperature. The model
predicts a core solar wind temperature of ∼2× 104 K at 90 au,
a factor of ∼5.6 times higher than the extrapolated temperature
from SWAP. This would decrease the PUI/SW temperature
ratio at 90 au to ∼440, and the PUI/SW nkT pressure ratio
to ∼60.
While there have been a variety of theoretical considerations

of the properties of interstellar pickup ions in the heliosphere
and out at the termination shock, Table 1 provides the first
direct observational values beyond 22 au. While the pickup
density is still small compared with the solar wind density at
30 au (∼0.04), the much larger temperature (∼500 times
higher) means that the pickup particle pressure is already ∼20
times that of the core solar wind by this distance. Though New
Horizons does not carry a magnetometer, the magnetic pressure
measured by Voyagerat ∼30 au is also several times smaller
(see Bagenal et al. 2015 for a summary of pressures at 33 au),
which means that the pickup ions are the dominant solar wind
internal pressure (as opposed to dynamic pressure) by this
distance. Figure 8 compares the radial trends for the various
pressures observed by SWAP and compares them with other
values from the literature. Because the pickup ion data are
unique (blue line), they provide the first observational
information about this key pressure at large (>20 au) helio-
centric distances, and its radial trend.
The radial trends indicate that while the solar wind density is

falling off roughly as r 2- , the pickup ion density is decreasing
far less rapidly (∼r−0.6). This is because even though the
volume of a parcel of plasma is expanding as r2, the continued
addition of pickup ions competes strongly with this reduction.
Note that this radial dependence is different than the r 1-

dependence found from a first-order approximation to models

Figure 7. Densities, temperatures, and internal particle pressures (nkT) for solar
wind ions (black) and H+ pickup ions (red). Power law fits to all data (gray and
pink points—not time-averaged data) show the radial variation in these
parameters for the solar wind ions (orange) and pickup ions (green). Data time-
averaged over sidereal periods are over-plotted in red and black. Bars indicate
+/− 1 sigma variations in each sidereal period (only plotted if there are at least
10 samples in that period). Note that we only fit to data beyond 22 au where
data coverage is large enough that the values are less biased by which portions
of the solar wind happen to be sampled.

6

The Astrophysical Journal Supplement Series, 233:8 (14pp), 2017 November McComas et al.

McComas	et	al.	2017

Expectation	that	upstream	the	Termination	Shock
the	PUI	temperature	is		T	~	8.7x106 K

and	PUI	density	nPUI ~	2.2x10-4cm-3.		

New	Horizon	Measurements	indicate	that	PUI	thermal	pressure	is	
A	substantial	fraction	of	the	pressure	upstream	of	the	TS

New	Horizon	measurements	at	30AU	and	38	AU
shows	that	the	PUI	temperature	is	increasing	with	
distance	as	r0.68 ;	
and	density	of	PUIs	is	decreasing	as	r-0.6



PUI	Heating	Term
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The	increase	of	PUI	pressure	in	the	supersonic	solar	wind	could	be	due	to	several	reasons:	co-
rotating	interaction	regions	that	merge	and	drive	compression	and	heating;	etc.

We	adopt	an	ad-hoc heating	of	the	PUI	in	the	supersonic	solar	wind	to	bring	their	temperature	
close	to	107K	upstream	of	the	TS.	

𝐻 = 𝜌345 𝑇345 − 10� 𝑟 − 30. ∗ 10.

Distance New	Horizons
Density	(cm-3)

Model
Density	(cm-3)

New	Horizons
Temperature	(K)

Model
Temperature	(K)

SW PUI SW PUI SW PUI SW			 PUI

30AU 1.1x10-2 4.2	x10-4 9.4x10-3 9.4x10-4 8.0x103 4.1x106 1.4x104 8.1x106

90	AU 1.6	x10-3 2.2x10-4 8.9x10-4 2.0x10-4 3.6x103 8.7x106 5.5x103 1.0x107

Radial
Dependence

-1.8 -0.58 -0.74 0.68



V2	TS	Crossing
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Model:	green	and	black	lines
V2	data:	red	line
New	Horizon	predictions:	red	dots
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Pickup	Ions Solar	Wind



The	presence	of	PUIs	weaken	the	Termination	Shock
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A	weaker	shock	means	that	the	overall	power	going	into	the	HS	and	the	
magnetic	field	in	the	HS	is	weaker	than	the	old	single-ion	models	

Green	line	(new	model)
Red	line		(old	single	ion	model)



Colder	Heliosheath

As	the	PUIs	charge	exchange,	they	become	energetic	neutral	atoms	and	leave	the	
system and	deflate	the	heliosphere.
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Multi	Fluid	Model	 Single	Ion	Model	



Enhanced	magnetic	field	near	the	
Heliopause
The	drop	in	the	PUI	pressure	compresses	the	magnetic	field	further	
downstream	the	TS	near	the	Heliopause
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Red:	PUI	pressure
Blue:	Solar	Wind	pressure
Green:	Magnetic	Field	pressure
Black:	Total	pressure

TS HP



Thinning	of	the	Heliosheath
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Strong	gradients	of	the	PUI	thermal	pressure	within	the	HS	drives	faster	polarward
flows	

The	HS	thickness	is	controlled	by	the	continuity	requirement:	plasma	flows	across	the	TS	
must	be	balanced	by	flow	down	the	tail	within	the	heliosheath.	Stronger	flows	in	the	HS	
therefore	reduce	the	thickness	of	the	heliosheath (Drake	et	al.	2015)

Multi	Ion	Model Single	Ion	ModelThermal	Pressure



The	Pick-up	Ions	deflate	the	heliosphere:	
Predicted	Smaller	Rounder	Heliosphere
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ISM

300 AU

300 AU

Dialynas	et	al.	2017

The	round	heliosphere	has	distances	from	the	Sun	to	the	heliopause	similar	in	all	directions	

Opher	et	al.	2018;	
eprint arXiv:1808.06611



Faster	streaming	of	PUIs	along	magnetic	field	
lines	

24

The	large	difference	in	velocity	is	driven	by	the	large	drop	in	the	PUI	pressure	
towards	the	flanks	


